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DACs and SACs structure 
 
An important characteristic of hot stars (i.e. stars with effective temperatures ≥ 

10000 K) is that they lose mass via a stellar wind. One of the most sensitive 

diagnostics of these stellar winds comes from high resolution UV spectroscopy. 

The UV spectra of hot stars reveal extended, velocity displaced P-Cygni type 

profiles in various objects, including the following (Prinja 1990): 

 WR stars (Willis et al. 1986; Willis and Garmany 1987), 

 OB stars (e.g. Garmany et al. 1981; Gathier et al. 1981; Prinja and Howarth, 

1986), 

 subdwarf O stars (e.g. Heap et al. 1979, Simon et al. 1979), 

 the central stars of planetary nebulae (CSPN; e. g. Heap 1986, Pauldrach et 

al. 1988), 

 Be stars (e.g. Snow 1981; Grady et al. 1987; Danezis, E. et al. 2003a; 

Lyratzi, et al. 2007; Danezis et al. 2009; Antoniou et al. 2011a, 2011b), 

 Oe stars (Antoniou et al. 2007a, 2007b, 2007c, 2007d, 2008, 2014; Danezis 

et al. 2003a, 2003b, 2007; Danezis et al. 2009) 

Other astronomical objects that exhibit P-Cygni type line profiles are cataclysmic 
variables (CVs), young stellar objects (YSOs) and AGN (Proga et al. 2002, Proga 
2005). 

CVs exhibit absorption troughs extending blueward over 5000 km/s. This 

phenomenon is attributed to high-velocity winds by analogy with OB stars (e.g., 

Krautter et al. 1981). However, observationally, the P-Cygni profiles of CVs differ 

from the profiles of early-type stars in two significant ways: First, whereas the 

deepest part of the blueshifted absorption component of the line profiles of early-

type stars is near the terminal velocity, the deepest part of the line profiles of CVs 

is near zero velocity. Second, the absorption components of the line profiles of 

early-type stars are often are black, whereas in CVs they are at most roughly half 

the depth of the continuum. As judged by the velocity of the blue edge of the 

absorption component of the profiles, the terminal velocity of the wind is roughly 

5000 km/s (Mauche & Raymond 1997). 

Data reveal maximum wind velocities            (far in excess of the 

photospheric escape velocities). The most accepted theory behind the winds of 

hot stars is the one based on radiation pressure driving, but there are still big 



questions to be answered. For example the extent to which radiation pressure 

provides the dominant force in the winds of various classes of hot stars is 

undetermined, and other mechanisms might play an important role, for example, 

in cooler, less luminous objects such as late B and B (emission) stars (Prinja 

1990). 

Among the class of hot stars there are two subsets of stars, i.e. Be and Oe, 

with a special spectral characteristic. Bidelman and Svolopoulos (1960) detected 

hydrogen emission and shell lines on spectrograms taken in 1959 and classified 

the object as a Be star. Classical Be stars are a rapidly rotating subset of non-giant 

B-type [17% of B-type stars are Be stars (Zorec & Briot 1997)] stars. Unlike 

normal B-type stars, Be stars exhibit line emission (hence the ‘e’ in Be), which is 

attributed to a gaseous circumstellar disk in Keplerian motion (Labadie-Bartz et 

al. 2017). A normal B star does not show emission lines, when it is in the main 

sequence. It does so when it is a supergiant (Vardya et al. 1982). The central stars 

rotate close to break-up velocities, and an uncertain mechanism – the so-called 

Be phenomenon – acts in addition to rotation, leading to episodic or continuous 

mass ejection from the stellar equator. Subsequently, outflowing, ionised, purely 

gaseous disks, rotating in a nearly Keplerian way are formed (Klement et al. 

2017). A recent review is provided by Rivinius et al. 2013. The circumstellar disk 

of a Be star is best described by the viscous decretion disk model (e.g. Lee et al. 

1991; Carciofi 2011), where the disk is formed and subsequently sustained by 

mass ejected from the stellar surface in discrete events called ‘outbursts’ (e.g. 

Kroll & Hanuschik (1997) or Kee et al. (2014) for a theoretical framework, or 

Rivinius et al. (1998) or Grundstrom et al. (2011) for observations). 

The optical emission lines are generally more or less symmetric, with the 

center of the emission placed at or near the stellar rest wavelength, showing that 

within the Balmer emission envelope the expansion velocity is            

(Barker & Marlborough 1985). On the other hand the resonance doublets of 

transitions such as N V, C IV and Si IV which are present in the UV spectra of Be 

stars exhibit extended shortward absorption and asymmetry. These 

characteristics indicate high velocity (          ) mass loss via a stellar wind 

(Barker & Marlborough 1985). These species are called “superionized” because 

even at the high effective temperatures of Be stars, these ions are not expected to 

exist in sufficient abundance to produce observable features under radiative 

equilibrium conditions (Lamers & Snow 1978). 

Ultraviolet observations of Be/Shell stars with IUE indicated the presence of 

highly ionized spectral lines than normal B type stars, C IV and Si IV are detected. 

UV spectra of Be/Shell stars reveal short ward velocity shifts up to 1300 km/s, 

suggesting the expansion of the circumstellar material away from the stars, 

Slettebak, (1988). The C IV doublet is of great importance as it is observed in Be 

stars as late as B9, yet among normal (no Hα emission) B stars, C IV is only 

observed at B2 or earlier (Barker et al. 1984). 



The class of Oe stars was defined by Conti & Leep (1974) as O stars 

displaying emission lines of the H I Balmer series as well as of lower ionization 

elements such as He II and Fe II, but that do not show typical Of emission lines 

such as He II λ 4686 and N IIIλ 4634-40. These stars were commonly considered 

to be massive analogs of Be stars and they seemed to form an extension of the Be 

phenomenon towards higher stellar temperatures. However, Negueruela et al. 

(2004) revised the spectral types of most Oe stars, arguing that previous 

classifications were too early because of infilling of the He i lines. Most Oe stars 

would thus have true spectral types in the range O9–B0 (the earliest member of 

the Oe category is the O7.5 IIIe star HD155806, Negueruela et al. 2004. Oe stars 

exhibit double-peaked or central emission in their Balmer lines. This emission-

line morphology is distinct from signatures of stellar winds, and is 

conventionally attributed to a circumstellar disk. Although Oe stars are usually 

considered to be a continuation of the Be phenomenon toward hotter spectral 

types, it is difficult to understand how stable disks can coexist with the 

increasingly strong stellar winds typical of O-type stars. A plausible explanation 

is that the disk is maintained by a large-scale (e.g., dipolar) magnetic field that 

channels outflowing wind material toward the magnetic equator, in which case 

the disk and the wind are really a single entity (Fullerton et al. 2011). 

One of the most striking features in the spectra of hot star winds is the 

presence of Discrete Absorption Components (DACs). These DACs are 

superimposed on the absorption troughs of unsaturated resonance line P-Cygni 

profiles in the UV spectra of OB stars, and move from the lower blue-shift to 

higher blue-shift part of P-Cygni profiles (e.g. Prinja & Howarth 1988; Massa et 

al. 1995; Kaper et al. 1997; Prinja et al. 2002). These stellar wind features are 

evident as narrow (FWHM ~ 100-300 km/s) opacity enhancements which 

typically occur at ~05.-0.9 of the maximum observed wind velocity (Prinja 

1990). They are usually attributed to the presence of large scale structures 

leading to optical depth enhancement. These spectral features often dominate 

the profiles and are interpreted as observational evidence for the 

inhomogeneous, non-spherical and non-laminar nature of these winds. 

The resonance lines which are most sensitive indicators of mass-loss include 

N V, Si IV, C IV and Mg II. These features are identified when they occur at the 

same velocity in both members of a resonance doublet (see Figs. 1, 2). We need 

to note that in Fig. 2 there are cases such as HD 32991 and HD 11158 where the 

entire stellar wind may be observed only in the form of discrete absorption 

components, without the absence of an underlying P-Cygni profile.  

The mechanisms responsible for the creation of DACs are an important 

problem that has been studied by many researchers. Some have suggested 

mechanisms that allow the existence of structures which cover all or a significant 

part of the stellar disk, such as shells, blobs or puffs (Underhill 1975, Henrichs 

1984, Underhill & Fahey 1984, Bates & Halliwell 1986, Grady et al. 1987, Lamers 

et al. 1988, Waldron et al. 1992, 1994, Cranmer & Owocki 1996, Rivinius et al. 



1997, Kaper et al. 1996, 1997, 1999, Markova 2000), interaction of fast and slow 

wind components, Co-rotating Interaction Regions (CIRs), structures due to 

magnetic fields or spiral streams as a result of the stellar rotation (Cranmer & 

Owocki 1996, Kaper et al. 1996, 1997, 1999, Mulan 1984a, b, 1986, Prinja & 

Howarth 1988, Fullerton et al. 1997, Cranmer et al. 2000). According to these 

ideas, DACs result from independent high density regions in the stellar 

environment, which have different rotational and radial velocities. 

 
Figure 1. Comparison of the Mg II resonance lines between the spectrum of a normal B star and 

the spectra of two active Be stars that present complex and peculiar spectral lines. As we can 

observe the Be stars present some absorption components that do not appear in the spectrum of 

the classical B star (Danezis et al. 2010). 

 
Figure 2. IUE spectra illustrating DACs in WR, O, B, Be, SdO and CSPN stars (Prinja 1990). 

 



However, DACs are not unknown absorption spectral lines, but spectral lines 

of the same ion and the same wavelength as a main spectral line, shifted at 

different Δλ, as they are created in different density regions which rotate and 

move radially with different velocities (Danezis 1983, 1987, 1991, 2003, Lyratzi 

& Danezis 2004). 

Another problem which is usually observed in the spectra of hot stars is that 

DACs exhibit very complex profiles and can’t be reproduce theoretically with a 

single distribution, such as Gauss, Voigt, or Lorentz. In order to explain these 

complex line profiles Danezis et al. (2003, 2007a) and Lyratzi & Danezis 2004, 

Lyratzi et al. 2007a proposed the phenomenon of SACs (Satellite Absorption 

Components). 

According to this phenomenon, a DAC is not a single absorption line, but the 

synthesis of a group of classical absorption components of the same spectral line 

of an ion (Satellite Absorption Components-SACs). These spectral components 

are formed in independent density regions (clumps) inside the turbulent stellar 

wind. If the independent density regions (clumps), that construct the Satellite 

Absorption Components of a DAC, rotate with large velocities and are close in 

velocity space, then they overlap forming a complex profile. More specifically, the 

absorption components are blended among themselves as well as with the main 

spectral line and thus they are not discrete but form a continuous complex profile 

(Danezis 1983, 1987, Lyratzi & Danezis 2004, Danezis et al. 2003, 2006, 2007a 

Sahade et al. 1984, Sahade & Brandi 1985). So, DACs and SACs are two aspects of 

the same phenomenon. In Fig. 2 it is clear that the Mg II line profiles of the star AX 

Mon (HD 45910), which presents DACs and the star HD 41335, which presents 

SACs are produced in the same way. The only difference between them is that the 

components of HD 41335 are much closer in velocity space and thus they overlap. 

 

Figure 3. DACs of the Mg II line profiles of the Be star AX Mon (HD 45910) and SACs of the Be star 
HD 41335 are produced in the same way. The black line denotes the observed profile and the red 
one the model's fit. All the components which contribute to the observed features are shown 
below the fits (Danezis et al. 2009). 



From smooth wind models to «clumping» structure 

O and B stars exhibit resonance lines from transitions such as C III, C IV, Si IV, N V 

with P-Cygni type profiles. The deepest part of the absorption profile 

corresponds to a velocity away from the star of ~ 1400 km/s (Hearn, 1979). The 

absorption reaches a terminal velocity of ~ 1000-3000 km/s (Hearn 1981, 

Drechsel & Rahe, 1982). Because these speeds are much larger than the escape 

velocities from the surfaces of these stars, it is clear that the material escapes 

from them (Hearn, 1979), in the form of a wind. 

It is believed that the winds of hot stars are produced through radiation 

pressure exerted via the interaction of ultraviolet (UV) photons with electrons 

bound to atoms in the stellar atmosphere (Lucy & Solomon 1970). 

Castor, Abott & Klein (1975, hereafter CAK) created a theoretical wind 

model and showed that the wind and mass loss are driven by radiation forces 

which are related to resonance lines from ions such as C III, C IV, Si IV. CAK 

theory is a modification of Parker's model (Parker 1958) with an extra force due 

to radiation forces. Further modifications of the CAK theory included even more 

elaborate line lists (Abbott 1982a) and the inclusion of a finite disk correction 

factor, which allowed photons to stream from the entire stellar disk instead of 

only radially (Friend & Abbott 1986, Pauldrach et al. 1986). Additionally, 

occupation numbers were calculated in non-LTE (Pauldrach et al. 1994), further 

refining the theory (Vink 2009). 

The basic properties of these modern-era CAK-like wind models are the 

following: the wind is assumed to be spherically symmetric, and homogeneous, 

i.e. clumps are not taken into account. However, wind variability is a well-known 

phenomenon both observationally as well as theoretically (see Wolf et al. 1998 

for an overview). Furthermore, the emission of X-rays for single O stars 

(Harnden et al. 1979) as well as the presence of black troughs in UV P-Cygni line 

profiles indicate that the winds of O stars are not smooth. According to Owocki 

(1990), there are strong reasons, both observational and theoretical, for 

believing that hot star winds are not smooth, but rather are both spatially and 

temporally high variable. Observational evidence includes superionization, X-ray 

emission, Discrete Absorption Components (DACs) in unsaturated UV lines. The 

winds of O and B stars, which are manifested through UV P-Cygni profiles, 

present variability in timescales from several days to hours [e.g. Henrichs (1984) 

and Prinja & Howarth (1986)]. Time-resolved series of high-resolution UV 

spectra, obtained with the International Ultraviolet Explorer (IUE), have shown 

that the variations in UV resonance lines are not chaotic, but occur in well-

defined "patterns" (e.g. Henrichs (1984); Prinja & Howarth (1986); Prinja et al. 

1987, Henrichs et al. 1988) which are usually observed in Discrete Absorption 

Components (DACs). 

It was mainly high-S/N, time-dependent spectroscopy of strong optical 

recombination emission lines in WR, and also a few OB and other stars with 



strong hot winds, that indicated all hot stellar winds likely to be pervaded by 

thousands of multiscale (compressible supersonic turbulent?) structures, whose 

driver is probably some kind of radiative instability (Moffat 2008). 

The theory of instabilities of radiatively driven stellar wind was introduced 

by Lucy & Solomon (1970) and was further developed by Lucy (1984), Owocki & 

Rybicki (1985, 1986, 1991), and extended to three-dimensional perturbations by 

Rybicki et al. (1990). Nelson & Hearn (1978), Martens (1979) and Mc Gregor et 

al. (1979) suggested that the flow is unstable against the radiatively driven 

instabilities. These instabilities will break up the flow destroying the balance 

between the forces and the result will be either to heat a corona or to set up the 

system of radiative driven blobs suggested by Lucy and White (1980) or both. 

Between 1978 and 1995 when it was active, IUE satellite led to great strides 

in the field of hot-star winds, leading to the discovery, mostly in strong resonant 

lines, of large scale wind structures. These were referred to as discrete 

absorption components (DACs), seen mainly in the absorbing column between 

the observer and the projected disk of the star (Moffat 2008). Their variation 

with time (more or less periodically) is commonly believed to be due to large-

scale co-rotating interactive regions (CIR), as seen in the Solar wind. In hot-star 

winds, CIRs are probably produced by some kind of rotating inhomogeneity at 

the surface of the star: non-radial pulsations or local magnetic loops come to 

mind, which then perturb the rotating wind (e.g. Cranmer & Owocki 1996). It is 

possible that all hot-star winds contain CIRs (Moffat, 2008).  

According to Runacres & Owocki 2002 since the acceleration of the wind is a 

highly unstable process, it leads to strong irregularities in density and velocity. 

These irregularities, often referred to as clumps, have an impact on the 

observables of massive star winds, in particular affecting measured mass-loss 

rates. The characteristics of clumps are uncertain, but it is thought that they carry 

most of the wind mass, but fill only a small fraction (f < 1) of the volume in the 

stellar surroundings, yielding a contrast of f−1 in density with respect to its 

average value (Bosch-Ramon 2013). The clump sizes are expected to be much 

smaller than the star (Owocki & Cohen 2006), although larger clumps may also 

be present in the wind like the clumps used, for instance, to explain the X-ray 

flares in supergiant fast X-ray transients (e.g. Walter & Zurita Heras 2007), or the 

large scale structures behind the observed discrete absorption components in the 

UV in early-type stars (DACs) (e.g. Cranmer & Owocki 1996; Lobel & Blomme 

2008). The clumps should present a distribution of masses and sizes if they are 

the product of non-linear processes at the wind base (Moffat 2008). 

But what now is normally referred to as clumping in hot-star winds is 

something that appears to be much more widespread and pervasive in all hot 

star winds than DACs/ CIRs. While many different phenomena pointed towards 

the presence of some kind of granulation in the winds, it took high-S/N, 

moderately-high time-resolved spectroscopy as the final clue to say that virtually 

all parts of all hot star winds are stochastically inhomogeneous on various 



(mainly small) scales Moffat, 2008). This was first revealed in time-resolved 

optical spectra of WR stars, where their strong, broad emission lines probe the 

whole wind simultaneously, not just the column along the line-of-sight (Moffat, 

2008). 

Possibly the most convincing evidence for clumpy structures in hot-star 

winds comes from time resolved spectroscopic monitoring of WR emission lines 

(Schumann & Seggewiss). These now well-known spectral series show clear 

stochastic subpeaks of various sizes moving in a direction from line centre to line 

edge, interpreted as wind clumps whose projected velocities we see as they 

propagate with the outflow. Although the stars are not resolved, one reaches 

effectively a poor-man’s resolution with the aid of Doppler expansion of the 

wind, which cannot unambiguously locate the structures other than in a ring of 

constant angle from the central star. Nevertheless, this was the first time that it 

became clear that small-scale wind structures are essentially universal at least in 

the strong winds of WR stars. 

Besides the observations in the visible and UV region of the spectrum the 

strong X-ray flow, observed in O and B stars cannot be obtained by a smooth, 

steady and cold wind, so the model of normal winds [SSCW proposed by Friend & 

Abbott (1986) και Pauldrach et al. (1986)] is far from the true nature of the hot 

star winds (Vilkoviskij et al. 2003). So this model should be replaced by a more 

adequate model of an unstable and changing wind structures. 

Although the easiest, most obvious results have emerged for “classical” WR 

stars because of their intense, broad emission lines, it is now clear that virtually 

all hot-star winds likely show similar effects. 

As previously mentioned, Proga (2002) indicated that cataclysmic variables 

(CVs), young stellar objects (YSOs) and AGN share the similarity of exhibiting P-

Cygni type profiles, mainly in their UV spectra. Proga (2007) points out that UV 

driven disk winds in AGN are motivated by analogy with winds from hot stars, 

which have been explored in great detail. Other researchers who have noticed 

similarities between the spectra of hot stars and AGN are: 

 Woo (2013), who states that one of the prominent features for quasars is 

the BEL spectrum that is not seen except in the hottest stars. According to 

Woo (2013) Together with the emission features are broad absorption lines 

(BALs) which appear in at least 10% of optically-selected quasars. They are 

characterized by distinctive absorption troughs arising from resonance 

lines of various ions and they are blueshifted (outflowing) with respect to 

their associated BELs. There is general agreement that they are intrinsic to 

the quasar and caused by gas within the quasar itself, with outflow 

velocities up to thirty and possibly sixty thousand kilometers per second 

relative to the emission line redshift. Some are often described as P Cygni 

profiles, by analogy to similar features seen in stars which eject material 

toward the observer. Our understanding of the ability of the line-driving 

mechanism to produce powerful high-velocity winds is based on studies of 



winds in hot stars that radiate mostly in the UV continuum. By analogy with 

O-stars, the presence of strong blueshifted absorption together with an 

intense UV radiation field suggests that radiation pressure acting on 

resonance lines is the acceleration mechanism (e.g., Lamers & Cassinelli 

1999, and references therein). The presence of the BALs themselves 

strongly indicates that substantial momentum is transferred from a 

powerful radiation field to the outflowing wind. With the inclusion of 

resonance lines, Castor et al. (1975, hereafter CAK75) showed that the 

effective line-driven radiation force can increase by several orders of 

magnitude above that due to electron scattering alone.  

 Feldmeier & Shlosman (1999) who state that observational signatures of 

line driven winds have been unambiguously detected in cataclysmic 

variables (CVs) and in active galactic nuclei. Observational evidence in favor 

of LDWs from hot stars and disks includes but is not limited to the P Cygni 

line profiles of C IV, N V and Si IV, ionization levels, high terminal velocities 

and their correlation with the luminosity. 

 Danezis et al. (2006, 2008, 2010a, 2010b) indicated the analogies between 

the spectra of hot emission stars and BAL quasars. They applied their model 

and studied Si IV, C IV, and Mg II absorption profiles in the spectra of a 

number of hot emission stars and BALQSOs. They showed that in both types 

of astronomical objects, the broad and complex absorption troughs of Si IV, 

C IV and Mg II are the synthesis of individual absorbing components which 

are formed in independent absorbing regions (clouds, clumps) inside the 

outflow. They also showed that the outflows are far from being smooth but 

are clumpy and inhomogeneous (for some examples see Fig. 4). 

 



 
Figure 4. DAC/SAC phenomenon in the spectra of Hot Emission Stars, BAL Quasars, Cataclysmic 
Variables and Wolf Rayet stars. 

 

BAL structure in Quasar’s spectra 

In the spectra of about 10-20 % of the quasar population, in the UV region of the 

electromagnetic spectrum, we can observe Broad Absorption Lines (BALs), 

usually blueshifted with respect to the corresponding emission lines. 



Quasars exhibiting this phenomenon are called Broad Absorption Line 

Quasars or BALQSOs (Foltz et al. 1990; Hewett & Foltz 2003; Reichard et al. 

2003). BALs have very complex profiles and their blueshifts imply outflow 

velocities form near 0 to about 60,000 km/s (0.2c), (Foltz et al. 1983). BALQSO 

spectra present absorption in high level of ionization and transitions of C IV, N V, 

O VI, as well as absorption lines from transitions such as Si IV and Lyα. These 

QSOs are called High ionization BALQSOs or HiBALQSOs. 

 
Figure 5. DACs phenomena (BAL) in AGNs spectra: Similarity of DACs phenomenon in Be star’s 
HD 45910 spectrum (Mg II doublet) with AGNs PG 0946+301spectrum (C IV doublet). In the 
case of the C IV doublet, the two discrete features do not correspond to the two resonance lines, 
as the two members of the doublet have small difference in wavelength (1548.187Å and 
1550.772 Å) and they both lie at the right feature. 

 
Figure 6. SACs phenomena in AGNs spectra: Similarity of SACs phenomenon in Oe star’s HD 
34656 spectrum (C IV doublet) with AGNs PG 1254+047 spectrum (Lya and Si IV and C IV 
doublets). 

Absorption may also appear in low ionization components and transitions of 

Mg II and sometimes C II, Al II, Al III and C III are present. QSOs with such spectra 

are called Low ionization BALQSOs (LoBALQSOs), which are defined by the 

presence of the MgII λλ 2798 absorption troughs in addition to the high 



ionization ones (Weymann et al. 1991; Voit, Weymann & Korista 1993). The last 

category includes the so-called FeLoBALs (Hazard et al. 1987), which, in addition 

to the above mentioned transitions, show broad absorption troughs in lowly 

ionized iron (e.g. Fe II, Fe III). 

Weymann et al. (1991) analyzed a large sample of BALQSOs and defined 

BALQSOs as quasars exhibiting C IV absorption troughs broader than 2,000 km/s 

and at least 10% below the continuum at maximum depth. This minimum trough 

width was defined in order to avoid contamination by noise, but also to reject 

multiple overlapping intervening systems. A representative line width is ~10,000 

km/s, although there is considerable diversity among BAL profiles. All BAL 

identifications are unambiguous since the velocity widths are greater than 2,000 

km/s (Brotherton et al. 1998). Velocity widths ≥ 3,000 km/s and blue shifted 

velocities ≥ 5,000 km/s are usually considered minimum requirements for 

classification as a BAL. 

The structure of the absorption troughs ranges from apparently very smooth 

(P-Cygni like) troughs to multiple troughs and/or complexes of many individual 

absorption lines (Turnshek et al. 1984). In most cases, the observed features 

have P-Cygni profiles, but sometimes the absorption features appear detached 

from the emission line by as much as 3,000 km/s. Some BALs have several 

distinct absorption troughs, while others are strictly “detached” from the 

emission lines, such that the absorption appears only at blueshifts exceeding 

several thousand km/s. Multiple troughs are said to be present when several 

discrete complexes or troughs of absorption exist, separated by several thousand 

km/s. The existence of multiple troughs is significant because they can impose 

constraints on model geometry (Turnshek 1986). 

BALs clearly identify high velocity outflows (or inflows if the BAL troughs 

are redshifted with respect to the corresponding emission line) launched from a 

rotating accretion disc that surrounds and feeds the central black hole. The 

properties of the BAL material in phase space are uncertain. The properties of 

BAL material in phase space are uncertain. One opinion is that BALs are the 

product of a smooth continuous flow (e.g. Scargle et al. 1970, Murray et al. 1995) 

with the intensity depending on optical depth effects (complete source 

coverage). On the other hand, it is believed that BALs are due to a flow of many 

individual substructures in the wind called density enhancements or clumps or 

clouds, indicating that accretion disc outflows are clumpy (e.g. McKee & Tarter 

1975; Turnshek 1984; Lyratzi et al. 2009, 2010, 2011; Hamann et al. 2013; 

Takeuchi et al. 2013; Misawa et al. 2014; Stathopoulos et al. 2015; Matthews et 

al. 2016). 

According to the second point of view, the broad and complex absorption 

profiles can be interpreted as the synthesis of a series of absorption components. 

Sako et al. (2001) state that an important point to note is that the observed 

velocity widths may as well be due to a superposition of multiple, discrete 

absorption components each of which are optically thin, and are unresolved with 



the RGS. Such features have been observed in UV absorption line spectra of many 

Seyfert 1 galaxies (Crenshaw et al. 1999, and references therein), some of which 

(e.g. Mrk 509) show as many as 7 distinct, kinematic components (Kriss et al. 

2000). The broad and complex profiles can be interpreted as the synthesis of a 

series of absorption components. If the later holds then it implies the existence of 

independent absorbing regions that cover the continuum and/or emission line 

region along our line of sight. These absorbing regions can be over densities or 

density enhancements embedded in a wind produced by an accretion disc. 

Recent theoretical and observational evidence point toward a scenario, in 

which broad absorption lines are the product of clouds or clumps. Takeuchi, 

Ohsuga & Mineshige (2013), performing global radiation-MHD simulations of 

supercritical accretion flows onto black holes, found that the outflows associated 

with supercritical (or super Eddington) accretion flows have a clumpy structure 

above heights of ~250 rS (with rS being the Schwarzschild radius). The typical 

clump size is ~ 10 rS, which corresponds to about one optical depth, and their 

shapes are slightly elongated along the outflow direction. They also found that 

the most plausible cause of clump formation is the Rayleigh-Taylor instability, 

since the clumpy structure appears in the layer where the upward radiation is 

superior in force to the downward gravity. Furthermore, a radiation-

hydrodynamic instability may also help to form clumps of one optical depth. 

Proga et al. (2014) studied the irradiation of clouds by means of numerical, 

two-dimensional, time-dependent radiation hydrodynamic simulations. They 

found that even relatively dense clouds that are radiatively heated (i.e., with 

significant absorption opacity) do not move as a whole; instead, they undergo 

very rapid and major evolution in shape, size, and physical properties. In 

particular, the cloud and its remnants become optically thin in less than 1 sound-

crossing time and before they can travel a significant distance (a few initial-cloud 

radii). They also found that a cloud can be accelerated as a whole under quite 

extreme conditions, i.e., the opacity must be dominated by scattering. However, 

the acceleration due to the radiation force is relatively small, and unless the 

cloud is optically thin, it quickly undergoes changes in size and shape. 

Misawa et al. (2014) by observing multiple sight lines with the aid of strong 

gravitational lensing managed to resolve the clumpy structure of the outflow 

winds in the quasar J1029 +2623. Through their observations they rejected the 

hypothesis of a smooth homogeneous outflow and concluded to complex small 

structures inside the outflow from the galactic nucleus. They proposed two 

different structures for the clumpy outflow: (a) small gas clouds close to the flux 

source and (b) filamentary (or sheet-like) structure made of multiple clumpy gas 

clouds. 

Proga & Waters (2015) found that optically thin clouds can survive long 

enough to be accelerated to relatively high velocities and travel a significant 

distance of many cloud sizes, in contrast to investigations exploring pre-existing 

optically thick clouds (Proga et al 2014 and references therein). 



Recent 2D simulations by Waters & Proga (2016) reveal that the long term 

evolution of a two-phase medium (hypothetical cloud confining medium 

proposed by Mathews (1974) and studied extensively by Krolik, McKee & Tarter 

(1981) - the main idea is of two distinct components, in pressure equilibrium but 

very different temperature, both heated by the same central source. The gas 

exposed to the radiation field of a quasar must be in one of two forms: 

photoionized gas at ~104 K, which produces optical and UV emission lines, or hot 

gas at T ~ 108 K. The hot phase gas produces the required confinement and the 

long life of line emitting clouds) in the Broad Line Region (BLR) is a highly 

turbulent flow that is conducive to continuous cloud production. They also found 

that cloud production can be maintained because the turbulence supplies 

perturbations that continually trigger the thermal instability. 

Stathopoulos et al. (2017) using the model of Danezis et al. (2003, 2007) as 

well as Lyratzi et al. (2007) and the fitting criteria and physical model proposed 

by Stathopoulos et al. (2015) decomposed the broad absorption troughs of two 

BALQSOs into the individual components they consist of. They showed that BAL 

troughs are the product of structures in the wind we call “clouds” and not the 

product of a smooth continuous flow. They concluded that the “cloud” scenario 

seems a more plausible explanation for the formation of BAL troughs than the 

smooth continuous flow interpretation. 

Danezis et al. (2007b) noticed that BALs present similar structure to that of 

the DACs that we can detect in the UV spectra of Hot Emission Stars, Cataclysmic 

Variables and Wolf Rayet Stars. For this reason they proposed the use of GR 

model in order to analyze and study BALs. GR model was previously used 

successfully in analyzing DACs and SACs which appear in the spectra of hot stars. 

From the study of BALs a series of questions emerged:  

 Can BALs be simulated and analyzed taking into account their complex 

structure and large widths? 

 How can Si IV and C IV BALs be analyzed? 

 Accepting the point of view that BALs are the synthesis of a series of 

spectral line components, is there a way to study not only the whole 

profile but the profiles of each individual component (line function of each 

individual absorber in the line of sight)? 

 Which is the interpolation polynomial that describes the whole BAL 

profile? 

 In the case of multiple BAL which is the interpolation polynomial that 

describes the whole absorbing region? 

 Can the two members of the resonance doublets, Si IV and C IV, be studied 

independently? Until now the doublets the resonance doublets (f. e C IV 

and Si IV) are considered one spectral line. 

 



The ability of GR model to analyze BAL profiles was successfully tested and 

demonstrated by Stathopoulos et al. (2015). The researchers used GR model in 

order to analyze the C IV and Si IV resonance lines in the UV spectra of 2 

BALQSOs (J01225+1339 and J02287+0002) and proposed a series of criteria 

which uniquely determine the following: 

1. The number of components that construct BALs and  

2. The value of the physical parameters (such radial velocities, optical depth, 

column density, random velocity of the ions, the FWHM, equivalent widths) 

of the absorbing regions that produce the components of every BAL. 

 

Our theoretical ad hoc proposed models for DAC/SAC and BAL 
Regions 

Based on the previous arguments concerning the winds of hot stars and quasars, 

we conclude that the winds of these astronomical objects are far from being 

smooth. In fact the winds are turbulent and unstable against the radiatively 

driven instabilities. The instabilities lead to the formation of inhomogeneities 

and density enhancements referred to as clumps or clouds. We assume that the 

density of the plasma between these clumps is very low compared to the density 

of the clumps and as a result we considered it negligible wile constructing the 

mathematical model.  

The broad absorption troughs of hot stars and BALQSOs are the product of 

individual components created by density enhancements in the line of sight 

towards the observer. Because these components are broad and close in velocity 

space, they overlap producing the observed smooth profiles which were 

previously attributed to a smooth continuous flow. The complete picture of the 

wind structure, in hot stars and BALQSOs, as we consider it is provided below. 

 

Proposed physical model for DAC Regions 

 
Figure 7. Density regions (I) that form the Discrete Absorption Components (DACs), hence called 
DAC regions and density regions that form the Satellite Absorption Components (SACs), hence 
called SAC regions (II). 

 



 The Discrete Absorption Components region (DAC region) (regions I, Fig. 6) 

consists of independent absorption regions, called SACs regions (regions II, 

Fig. 6) (Danezis et al. 2003, 2007; Lyratzi et al. 2007). 

 The broad profiles of DACs are due to the synthesis of SACs. 

 The SAC regions (regions II, Fig. 6) are density enhancements in turbulent 

flow. 

 Due to the turbulent flow, SAC regions rotate with significant velocities. 

 The broad profiles of SACs are due to both the self-rotation of the SACs 

region and the random motion of the matter in these regions. 

 The spectral line that corresponds to the SACs are the ones we fit. 

 

Proposed physical model for the BAL Region (Stathopoulos et al. 
(2015). 

 

 
Figure 8. Clouds (I) that form the Broad Absorption Line Regions (BALRs) and cloudlets or cloud 
elements (II) that form the clouds. 

 

 The Broad Absorption Line Region (BALR) consists of independent 

absorption regions, called clouds (regions I). 

 Clouds (regions I) are clusters of cloudlets (cloud elements-regions II) in 

turbulent flow. Cloudlets can be thought as density enhancements (clumps) 

in a continuous medium (Bottorff & Ferland, 2001). 

 Each cloudlet produces an absorption line, the width of which depends on 

thermal and microturbulent motions of ions inside the cloudlet. The 

synthesis of all these cloudlet lines that are very close in velocity space and 

overlap, produce a broad component corresponding to a cloud. 

 The broad profiles of BALs are due to the synthesis of absorption lines that 

arise from the clouds. 



 The absorption line of each cloud is quite broad, as it is the synthesis of the 

lines created from the cloudlets that form the cloud. The spectral line that 

corresponds to the clouds is the ones we fit. 

 

The proposed mathematical model (GR model) 

The complex absorption profiles of DACs and BALs raise a series of questions: 

 Can DACs and BALs be simulated and analyzed taking into account their 

complex structure and large widths? 

 How can Si IV and C IV DACs and BALs be analyzed? 

 Accepting the point of view that DACs and BALs are the synthesis of a 

series of components, is there a way to study not only the whole profile 

but the profiles of each individual component (line function of each 

individual absorber in the line of sight)? 

 Which is the interpolation polynomial that describes the whole 

absorption profile? 

 In the case of multiple BALs which is the interpolation polynomial that 

describes the whole absorbing region? 

 Can the two members of the resonance doublets (e.g. Si IV and C IV) be 

studied independently? 

 Until now, in the case of BALs, the resonance doublets of C IV and Si IV 

were studied as a single line. 

In order to answer in this set of questions the “Astrophysical Team” of National 

and Kapodistrian University of Athens created the GR model (Danezis et al. 

2003) which incorporates all the previously mentioned characteristics. 

In order to apply GR model to the spectra of all the previously mentioned 
astronomical objects it was crucial to develop software that can perform 
simulations and calculations based on GR model. 

At this point it is clear that we need to create a software capable, not only to 

run GR model but to help accelerate complex mathematical precision checks and 

confirm the uniqueness of the calculated physical parameters. 

 

Some important information about GR model 

As we have already mentioned, in order to accept, even theoretically, all the 

above, we had to construct a mathematical model which would include all the 

above concepts. This means that by solving the radiation transfer equation for a 

complex plasma region consisting of independent absorbing and emitting 

regions, we should calculate the line function, able to reproduce theoretically the 

observed spectral line profiles. 

The term line function corresponds to the function that relates the intensity 

with the wavelength. This function includes as parameters the physical 

conditions of the regions that produce the spectral line profile. By giving values 



to these parameters, under specific constraints, we try to achieve the best fit of 

the observed lines profiles. 

If we accomplish the best fit, we accept that the theoretical values of the 

physical parameters are the ones that describe the physical conditions of the 

regions that produce the line profiles. The problems encountered in the 

calculation of the line function are the following: A line function able to 

reproduce theoretically any spectral line of any ion should include all atomic 

parameters. As a result the line function would be very complex. Also, if we 

wanted a time dependent line function, we should include time as a parameter. 

The existence of so many parameters would make the solution of the radiation 

transfer equation extremely difficult. 

In order to overcome some of these difficulties we considered that the line 

function it not time dependent. The reason for doing so is that as our purpose 

was to describe the structure of the regions where the SACs are created at a 

specific moment in time i.e. when the spectrum was taken. In order to study the 

time-variation of the calculated physical parameters, we should study many 

spectra of the same star, taken at different periods. 

Additionally, we needed a line function with which we could study a specific 

spectral line of a specific ion, in which case the atomic parameters are constant. 

In this way, we were able to solve the radiation transfer equations and to find the 

correct group of parameters that give the best fit of the observed spectral line. 

We assume that in the stellar atmosphere the radiation passes through a 

number of successive independent absorbing and/or emitting density regions of 

matter until it reaches at the observer. 

The problem of uniqueness (Stathopoulos et al. 2015) 

The major problem of multicomponent fits is that the best-fit solution is not 

unique and is depended upon initial parameter guess. So in order to find a final 

solution, which is unique, and independent of initial parameter/guess we fit 

simultaneously Si IV and C IV doublets with parameters tied. We assume that 

both Si IV and C IV follow the same kinematic structure. So Stathopoulos et al. 

(2015) proposed the following criteria: 

 

1. Criteria between the components of a resonance doublet  
(C IV λλ 1548.187, 1550.772 Å and Si IV λλ 1393.755, 1402.77 Å) 

(a) The number of blue and red components of a doublet must be exactly the 

same. This means that to each component of the 1548.187 Å C IV line 

corresponds a component of the 1550.772 Å C IV line. The same applies to the Si 

IV doublet. 

(b) Each C IV 1548.187 Å component at a specific velocity shift has its 

corresponding C IV 1550.772 Å component at the same velocity shift. The same 

applies to the Si IV doublet. However, we require that the difference in velocities 



at line center must not differ from the expected doublet separation by more than 

one (or two velocity bins depending on how the spectra are binned in velocity 

space) velocity bin. 

(c) The C IV 1548.187 Å component and C IV 1550.772 Å component at the same 

velocity shift must have the same width. The same applies to the Si IV doublet. 

The components’ FWHM cannot be smaller than the spectrograph’s FWHM, 

which sets an upper limit on the number of components required to achieve the 

best fit. 

(d) For emission lines, the ratio of optical depths between the blue and the red 

component is τb/τr = 2, as dictated by atomic physics. For absorption lines this 

ratio is free to vary 1:1 ≤ τb/τr ≤ 2:1. 

 

2. Criteria between C IV and Si IV components at the same outflow velocity from 
the corresponding emission redshift. 

(a) Both C IV and Si IV doublets consist of the same number of components. 

(b) Each C IV 1548.187 Å (blue) component at a specific velocity shift has its 

corresponding Si IV 1393.755 Å (blue) component at the same velocity shift. The 

same applies between the C IV 1550.772 Å (red) components and the Si IV 

1402.77 Å (red) components. In practice, Si IV absorption components are 

shallower than the ones appearing in C IV. So, there is the possibility that a very 

shallow C IV component has the corresponding Si IV at the same outflow velocity 

which possibly is not detectable. 

(c) τb/τr(C IV) at a specific velocity shift must be the same as τb/τr (Si IV) at the 

same velocity shift. This criterion is applied under the assumption that both 

doublets (Si IV and C IV) at the same velocity offset are formed in the same 

outflow and that the physical conditions do not change significantly as a function 

of velocity. 

 

Remarks 

 We point out that the fitting code is forced to fulfill all the criteria mentioned 

above. So these criteria are in fact the constrains that are followed during the 

fitting process and they are not set in order to cross check our results in the 

end. 

 Criterion 2(c) is the only one that can be relaxed during the fitting process. 

In fact the ratios τb/τr(C IV) and τb/τr (Si IV) can be different in the case that 

C IV and Si IV absorbing systems in the line of sight have different covering 

fractions, a fact which pretty usual in the case of BALQSOs. 



The line function and the interpolation polynomial (Danezis et al. 
2003) 
 

We assume that we have radiation of intensity Iλ passing through an area of 

gaseous material of constant density ρ, thickness ds and absorption coefficient 

kλ. The effect of the shell on the radiation intensity is given by: 

    −        

For a density region of total thickness s and an initial radiation intensity of    
 

the effect will be: 

      
e p − ) (1) 
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Now consider this radiation intensity passing through a second shell, of density 

  , thickness    and absorption coefficient    
. The radiation intensity exiting 

this second shell will be: 

   
   e p −  ) 

where: 

       
    

  

 

 

Substituting (1) for    yields: 
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Generalising for i absorbing density regions, the final exiting radiation will be: 
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Consider now a shell that both absorbs and emits (henceforth called a “mi ed” 

region), with    and    being the respective coefficients. Its effect on the 

radiation intensity    
 will be: 

    
 −     

          

Thus, the total effect of such a shell of thickness   , and density    on radiation 

flow of intensity    
will be: 
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where    
   

  is the source function    
 and 

       
    

  

 

 

At the moment when the spectrum is taken, each emission line, with a given 

wavelength λ, is created in a specific region of the stellar atmosphere with a 

given value for    
, that is    

      . So: 
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Now consider that an outer density region of general absorption follows the 

mixed shell. Its effect on the radiation intensity will be: 
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in which we replace    
 by the radiation intensity exiting the mixed shell, given 

by equation (3). Thus: 
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If we consider the absorption of the mixed region as an independent absorption, 

we can include it to the product  e p  −  )  and have:  

       
     

 e p −  )     
  − e p −  ))

 

 e p  −  ) 

 

Let us consider the parameters τi, τe, τg. As stated above, each τ is given by:  

        

 

 

 

We substitute for     ,    
,    

 the product of two functions: 

1. Omega  Ω) is an expression of    and has the same units as   . 

2.   ,   ,    are the distribution functions of    
,    

 ,    
 respectively. Each L 

depends on the physical conditions of the density region, which forms the 

spectral line. 

3.  



That is:  

        

 

 

 

We set:  

       

 

 

 

meaning that ξ is an expression of τ. 

The resulting, final form of the radiation flux function is: 

       
      ) e p −    )

 

    
  − e p −    )) e p −      

A similar expression applies to the radiation flux: 
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  − e p −    )) e p −      (4) 

where 

i: is the number of absorbing density regions that cover the continuum (fully or 

partially), in the line of sight, 

j: is the number of emitting density regions in the line of sight, 

g: is the number of additional absorbing density regions that may cover the i 

absorbing density regions as well as the j emitting density regions, 

   
: is the initial radiation intensity 

e p −     : is the line function of the absorption line i. This means the line 

function of every one of the components that construct one BAL or DAC  

 e p −     
 
 : is the factor that describes the synthesis of absorption lines 

produced by i density regions. This means that is the interpolation polynomial 

that can fit every one of DAC or BAL. 

    
  − e p −        : is the line function of the emission line j. 

        − e p −        : is the factor that describes the summation of 

emission lines produced by j density regions. This means that is interpolation 

polynomial that can fit every one of the Broad Emission lines in the case of 

Quasars or Hot emission stars 

 e p −      : is the factor that describes absorbing density regions that may 

obscure both the i absorbing as well as the j emitting density regions. 

  ,    ,   : are the distribution functions of the absorption coefficients 

   ,     ,    , 

   : is the absorption coefficient of the ith density region in the line of sight, 



    :is the emitting coefficient of the jth density region in the line of sight, 

   :is the absorption coefficient of the additional absorbing density regions that 

may cover the i and j density regions in the line of sight, 

ξ: is the optical depth in the center of the spectral line, 

    
: is the source function that is constant during one observation 

Equation (4) gives the function of the complex profile of a spectral line, 

which presents SACs. This means that the graphical representation of Eq. (4) 

must reproduce not only the main spectral line, but its SACs as well. As we can 

deduce from the above, the calculation of        
 does not depend on the 

geometry of the absorbing or emitting independent density layers of matter. 

The decision on the geometry is essential for the calculation of the 

parameters Li. This means that by deciding on a different geometry we conclude 

to a different analytical form of Li, and thus to a different shape of the profile of 

the spectral line, presenting SACs, that we study. 

In order to decide on the appropriate geometry we took into consideration 

the following important facts: 

1. The spectral line’s profile was reproduced in the best way when we supposed 

spherical symmetry for the independent density regions. Such symmetry has 

been proposed by many researchers (Lamers et al. 1982, Bates & Gilheany 1990, 

Gilheany et al. 1990, Waldron et al. 1992, Rivinius et al. 1997, Cidale 1998, 

Markova 2000). 

2. However, the independent regions of matter, where a spectral line and its 

SACs were born, could lie either close to the star, as in the case of the 

photospheric components of the Hα line in Be stars (Andrillat & Fehrenbach 

1982, Andrillat 1983), in which case spherical symmetry around the star is 

justified, or at a greater distance from the star, where the spherical symmetry 

around the star cannot be justified. 

These thoughts lead us to the conclusions that: 

1. In the case of independent density regions of matter that lie close to the star 

we could suppose the existence of a classical spherical symmetry around the 

star. 

2. In the case of greater distance from the photosphere, we could suppose the 

existence of independent density regions of matter such as clumps, (Cranmer & 

Owocki 1996) which are outwards moving inhomogeneities (Rivinius et al. 

1997), spiral streams (Fullerton et al. 1997, Cranmer et al. 2000, Markova 2000) 

or CIRs, which may result from non-radial pulsations, magnetic fields or the 

star’s rotation (Mullan 1984a,b, 1986, Prinja & Howarth 1988, Kaper et al. 1996, 

1997, 1999) and are able to make structures that cover a substantial portion of 

the stellar disk (Cranmer & Owocki 1996, Kaper et al. 1996, 1997, 1999). These 

regions, though they are not necessarily spherically symmetric, they form 

spectral line profiles which are identical to those deriving from a spherically 

symmetric structure. This means that these line profiles present the same values 



for Vrot, Vrad and ξ as the ones deriving from a classical spherical symmetry. In 

such a case, though the density regions are not necessarily spherically 

symmetric, through their effects on the lines’ profiles, they appear to the 

observer as spherically symmetric structures around their own center. This 

means that in both cases, where either the symmetry is spherical or it appears as 

spherical through its effects on the lines’ profile, the calculation of Li, is justifiably 

based on the supposition of spherical symmetry. 

The above mentioned thoughts led us to suppose spherical symmetry (or 

apparent spherical symmetry) for the density regions where the main spectral 

line as well as its SACs are born, in order to calculate the parameters Li. 

The mathematical expressions of L 

e p  −    ) and     
  − e p −    )) are the distribution functions of the 

absorption and the emission satellite component, respectively. The factor L must 

include the geometry and all the physical conditions of the region that produces 

the spectral line. These physical conditions indicate the exact distribution that 

we must use. This means that if we choose the right physical conditions in the 

calculations of the factor L, the functions e p  −    ) and     
  − e p −    )) 

can have the form of a different distribution function, i.e. Gauss if the line 

broadening is only due to the random motions, Lorentz if line broadening is only 

due to the pressure or Voigt if the line broadening is due to random motions and 

pressure. 

In GR model, we do not use the pure mathematical distributions that do not 

include any physical parameter, but the above mentioned physical expression of 

these distributions.  

1.  If    has the form  
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e , where   is the height of the spectral line’s component and 

  
 

      

the line function e p  −    ) that describes an absorption line, has the form of a Gauss 

distribution.  

2.  If    has the form 

   
2

01 






 







, where   is the height of the spectral line’s component, the 

line function e p  −    ) that describes an absorption line, has the form of a Lorentz 

distribution. 

 



3.  If    has the form 
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the line function e p  −    ) that describes an absorption line, has the form of a Voigt 

distribution. 

Similarly, if we put the above expressions of Lλ (cases 1, 2, 3) in the emission 

line function     
  − e p −         it will take the form of a Gauss, Lorentz or 

Voigt distribution. 

Constructing two new distribution functions 

Hot emission stars rotate close to break-up velocities, and a mechanism – the so-

called e phenomenon – acts in addition to rotation, leading to episodic or 

continuous mass ejection from the stellar equator. The produced wind is 

turbulent and unstable against the radiatively driven instabilities. The 

instabilities lead to the formation of inhomogeneities and density enhancements 

referred to as clumps or clouds. For these reasons we hypothesized that the 

absorbing regions that produce DACs and/or SACs rotate around their own 

centers. As a result, the rotation of the independent absorbing regions plays a 

crucial role in the broadening of the produced spectral lines. As a result, we had 

to include the rotation of the density regions, around their own centers, to our 

model, in order to simulate the observed profiles. 

As a first step, Danezis et al. (2003) and Lyratzi et al. 2007 constructed a 

distribution function L that considers as the only reason of line broadening the 

rotation of the regions, that produce the spectral lines, around their own centers. 

The distribution was called Rotation. 

However, in a gas at temperature T, individual atoms will have random 

motions away from or towards the observer, leading to red- or blue-wards 

frequency shifts. Another broadening process is the so called microturbulence for 

which a gaussian line-of-sight velocity distribution is adopted. As a result the 

distribution that describes random motions (thermal and non thermal) is Gauss. 

In order to include both factors (rotation and random motions) in line 

broadening Danezis et al. (2007a) combined Rotation distribution and Gauss 

distribution to create Gauss-Rotation distribution. 

The rotation distribution function (Lyratzi et al. 2007) 

 

Let us assume that the main reason of the line broadening is the rotation of the 

regions that produce each satellite component of the whole observed spectral 

feature. These rapidly rotating density regions may also present radial motion. 



For these reasons we look for another expression of the distribution function of 

the spectral line’s components that has as parameters the rotational and radial 

velocities of the spherical density regions. For a spherical density region, we 

make the following assumptions: 

1. Thermal and natural broadening of spectral lines are negligible. This means 

that the whole width of the line is measured as Vrot. 

2. None of the phenomena are relativistic. 

3. The only effect of a density region’s radial movement is a Doppler shift of the 

spectral lines' centers. 

4.  amberts’ sinus low stands for each point of the spherical region. 

5. The angular velocity of rotation is constant. 

In order to calculate the total radiation, we divide the spherical layer in very thin 

cylindrical surfaces which are vertical to the rotational axis.  ambert’s low 

allows us to consider that the luminosity from each point on the sphere is the 

same. 

 

 
Figure 9. Elementary ring of the spherical density region. 

 

In the above cylindrical surfaces we also consider the surface dS. According to 

 ambert’s low, when this surface rotates with an angular velocity ω, its radiation 

intensity is: 
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where: 
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where C1 is a constant and   is the Lorentz full width at half intensity maximum, 

which, in the case of the natural broadening, has the value 
810 Hz. When the 

surface dS does not rotate, the center of the formed spectral line lies on the 

observed wavelength λ0, which corresponds to frequency ν0. Thus, we have: 

ω    ν    
 

  
. 

When the surface dS rotates with rotational velocity Vrot, the center of the formed 

line lies on the wavelength λk and in this case we have ω  ω   −  sin ), 

where   
    

 
 

We also have               . The angles α and   are shown in Fig. 9. dS can 

be written as         , where r is the radius of the cylinder, d  is the angle 

under which we see the basis of dS and dh is the height of dS. Making the above 

substitutions in Eq. (6) we have: 
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Thus, the radiation intensity of the semi cylinder is 

  ω)   
      cosαcos   

 ω − ω   −  sin )    
 
 
 
 

   

    

 

or 

  ω)  
      

 
 

cosα sin 

  
ω
 

  
 −  

ω 
 

  
   −  sin ) 

 

  

   

    

 

We set ω  
 
 

  
, ω   

  
 

  
,   sin  and we have 

  ω )  
    cosα  

 
 

  

 ω − ω    −   )    

 

  

 

We also set   ω − ω    −   ) and the above integral becomes  
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Finally, we have  
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The above function describes the radiation intensity of a semi cylinder with 

radius r and height dh. dα is the observational angle of dh from the center of the 

spherical region. This cylinder rotates with a rotational velocity          and a 

constant angular velocity~ . 

We consider the function: 

  ω ,  )  
arctan ω − ω    −  ) − arctan ω − ω      ) 

ω   
 

We study the limit of this function in the case when the density layer does not rotate, 

i.e. when    , meaning: 
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We apply the L’ Hospital’s rule and we get: 
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This form corresponds to the  orentz’s distribution of the natural broadening of 

the spectral lines. In the case when the rotation broadening |λ1-λ2| (or |ω1-ω2|) is 

much larger than the natural broadening (the natural broadening of a spectral 

line is about     −      Å), the above function ),~( zP   present the form of a 

square pulse (see Fig. 10). 

 

 
Figure 10. Quadratic pulsation 
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    and normalize to 1. In this way the function   ω ,  ) could be 

approximated with the function   λ) where: 
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Now, we suppose that the spherical density region rotates with equatorial velocity 

   
  

 
 (see the Fig 11).  

 
Figure 11. Rotating spherical density region that produces SACs or DACs. 

The points of the circle with radius r rotate with a velocity      and for    cosα 
we get 

     ω  ω cosα  
     

         

 
 cosα    cosα and so         . We have also 

       and Eq. (6) becomes 
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The integral of this equation is  
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When we take into account the function   ω ,  ) the above function becomes 
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We approximate   ω ,   cosα) with   λ) and we take the integral for the 

observation angle    −  ,     from the equatorial plane. 

So we have that 
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sin  . 

If we normalize to 1, we have 

   sin     − cos   . 

For the angle    we have  

 λ − λ  ≤ ρ  
         

    
       

. 

For a wavelength λ or for a shift      −     from the center of the spectral 

line, the absorbing (or emitting) regions are those with angular distance   from 

the equatorial plane, with    ≤   . For the equatorial plane we have  

0
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From this equation we can calculate the angle   as follows: 

cos   
       

      

     
. 

As  0 is between – /2 and  /2 we have cos 0≥  and so 

cos   
       

      

     
. 

Thus, the distribution function I1 takes its final form: 

     − cos    if cos   
       

      

     
   and 

    , other wise. 



It is obvious that the distribution function I1 is a function of the wavelength λ. 

This means that        ). This distribution function has the same form with the 

distribution function of the absorption coefficient L and may replace it (in     ), 

when the main reason of the line broadening is rotation. We call it Rotation 

distribution function. The spectral line profile, which is formed by a spherical 

density region, is reproduced by the function e p  −  ) by applying the 

appropriate value of the rotational velocity Vrot (from z0), the radial velocity Vrad 

(from           −     )      )) and the optical depth ξ in the center of the 

line. 

Including random motion in the calculation of L  

The Gauss-Rotation distribution function (GR distribution function) (Danezis et 

al. 2007a) 

One of the assumptions, when constructing the Rotation distribution, was that 

the line width Δλ is only due to rotation. This means that the random velocities of 

the ions in the density region are very low and they do not contribute to line 

broadening. In a new approach of the problem we also consider the random 

velocities in the calculation of the distribution function L (Danezis et al. 2007a). 

We consider a spherical shell and a point    in its equator. If the laboratory 

wavelength of a spectral line that arises from    is   , the observed wavelength 

will be: 

          and 

           ,          

Where      is the rotational velocity of point   . 

This means that 
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and if −
 

 
   

 

 
 

then 
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If we assume that the spectral line profile is a Gaussian distribution  
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where k  is the mean value of the distribution and in the case of the line profile it 

indicates the center of the spectral line that arises from   . This means that: 
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The distribution function for all the semi-equator is: 
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If sin    then    cos    and − ≤  ≤  , so Eq. (10) takes the form 

   λ)   
 

    
  

          )  

     
 

  

 

If we set   
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, we have 
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We consider the function  
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It is the known function which describes the Gaussian error distribution. If we 
take into account this function,    λ) takes the form 
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Thus, we finally have  
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and the distribution function from the semi-spherical region is: 
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Note 

The error function 
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is well defined and is characterized by the following properties: 
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2.       )    

3.        )    κα ώς lim          )    

4.      − )  −  

5.      )  
 

  
  −

  

    
 

  

    
−

  

    
    

6.       )   −
    

   
  −

 

    
   

    ) 
−

     

    ) 
    

As the described distribution combines the random motions of the ions in a 

density region with the rotation of this region, we refer to it through the 

designation G (Gauss) R (Rotation). Also, as we constructed the Gauss-Rotation 

distribution in order to use it in this model, we also applied the same name to 

our model (GR model). 

 

Important Notice 
We remind that Eq. (4) is the interpolation polynomial that describes the whole 

absorbing region in the case of multiple BALs. 

   )           ) e p −           
  − e p −        

  

  e p −     

 

    ) 

During the fitting process of a resonance doublet we use Eq. (4) 

independently for every component. For example in the case of C IV λλ 1548.187, 

1550.772 Å resonance lines, we apply Eq. (1) twice, once for the 1548.187 Å 

(blue) and once for the 1550.772 Å (red) component of the doublet. By applying 

Eq. (4) twice we get two sets of lines. The first one contains all the blue 

components of C IV doublet while the second one contains all the red 

components of C IV doublet.  Having these two sets of lines we then synthesize 

them to get the best fit. In the case of absorption lines we use Gauss distribution 

while in the case of emission lines we use Voigt distribution. We point out that 

after the continuum fit we fit the broad emission lines (see Fig. 12). 



 
Figure 12. Best fits of the Si IV and C IV spectral regions of J01225+1339 and J02287+0002. The 
black dotted line denotes the observed spectrum while black, thick solid line corresponds to the 
best fit. We denote the shorter wavelength member of a doublet with blue thin solid line (blue: 
1393.755 Å for Si IV and 1548.187 Å for C IV) while we denote the longer wavelength member of 
a doublet with the red dashed line (red: 1402.77 Å for Si IV and 1550.772 Å for C IV). The zero 
velocity corresponds to the longer wavelength member of a doublet. Below each fit we present a 
panel with the residual, which appears in green thin line. Furthermore, the reduced    is given 
for every fit. Note that the value of the reduced    serves only as a qualitative measure of the fit 
and should not be interpreted as indicating the probability of the fit (Stathopoulos et al. 2015) 

 

Parameter Calculation 
 
Random velocities of ions (       ) in the case of Gauss 
 
We have:  

       

 
 

           

  
 

where                −     at half of the depth of the spectral line. 

The Gaussian distribution is given by  



   
 
             

    

At the half of the depth of the spectral line we have L=1/2. Thus, the previous 

relation has the form: 

   
 
             

    

Then: 

                    

So, for         we get 

        
       

  
 

 
Calculation of the FWHM 

Absorption 

The radiation intensity for a specific density region is generally given by the 
function 

     
    

For L=0,  = 0 (continuum). 

For L=1,  = 0e-ξ 

Thus, the depth of the line is   −    
       −    ) 

The half depth of the line is 
 

 
    −    ) 

The half depth of the line corresponds to a specific value of L. We call this value 

(as above) Lhalfwidth. 

In this case the depth of the line is     −              ) 

Obviously, it must be     −              )  
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So            
            )

 
 

For the Gaussian distribution we have    
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Thus, for L= Lhalfwidth we get             
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So         − ln           

It is obvious that lnLhalfwidth <0 because 0<Lhalfwidth<1. So, the above function 

gives a real number. 

 

Emission 

In the case of emission the radiation intensity is      −     ) 

For L=1 we have L=S(1-e-ξ). 

For L=0 we have L=0 (continuum). 

Thus, the height of the emission line is    −    ) 

At the half of the height we have 
 

 
   −    ) 

The half of the height corresponds to a specific value of L. We call this value 

Lhalfwidth. In this value the radiation intensity is    −              ) 

It must be 
 

 
   −    )     −              ) 

So            
            )

 
 

As in the case of the absorption we get         − ln           

As in the case of the absorption we take   
 

halfwidthLFWHM ln22    

 

Rotation distribution 

Absorption 

At first, we calculate the Lhalfwidth as in the case of the Gaussian distribution. 

           
ln − ln      )
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For the Rotation distribution we generally have 
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where   
    

 
. 

For L= Lhalfwidth we get 
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So we get 

     
 λ  

ξ
 ξ −  ln − ln      )   

This expression is a real number because ξ>0. 
 
Emission 

As in the case of emission in the Gaussian distribution we calculate the Lhalfwidth 
and then we have  

     
 λ  

ξ
 ξ −  ln − ln      )   

 

Gauss-Rotation distribution 

In this case we calculate the FWHM using an arithmetical method. The spectral 
line profile is generally described by the function 

    λ))       )  

In the case of the Gauss- Rotation (GR) distribution, the spectral line profile is 
given by  

      
  λ))         )  

where LGR is a combination (composition) of Gauss and Rotation distributions, 
with  
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and  
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 λ − λ )

 

λ 
   

 

for the Gauss and the Rotation distribution respectively.  
We calculate             using arithmetical methods, applying firstly a 

combination of the Newton-Raphson and Regula-Falsi methods for the function  

      λ         ))        λ         )) −
 

 
, 



with initial value  

   
     

  

and secondly the bisection method. Now we can calculate the FWHM from the 
expression 

       λ         − λ   

 

 
Figure 13. The calculation of the FWHM in the case of the Gauss-Rotation distribution 

 

Lorentz distribution 

In the Lorentz distribution, the main reason of the spectral line broadening is the 
pressure of the stellar radiation. The Lorentz distribution is given by 

    )  
 

  
  −   )

 

  

 

where       −     (see figure 14). 
 

 
Figure 14. Lorentz distribution 

 
Voigt distribution 

Voigt distribution is the convolution of Gauss and Lorentz distributions. This 

means that the main reasons of the spectral line broadening are the random 

motions of the ions as well as the pressure of the stellar radiation. 



The convolution of two functions f and g is generally given by 
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In the case of convolution of Gauss and Lorentz distributions we get 
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Calculation of the column density (CD) 

An important point of our study is the calculation of the column density from our 

model (Danezis et al. 2007a). 

With the term “column density” we mean the following:  et’s assume a 

cylinder which has a basis of one cm2. We assume that this cylinder extends from 

the observer to a density region of matter. We call “column density” of this 

density region the total number of the particles which are projected on the basis 

of the cylinder. Obviously, we measure the column density in particles/cm2 (or in 

cm-2). We can calculate the column density as following:  et’s start from the 

definition of the optical depth: 

τ    ρ  

 

  
where:  

τ is the optical depth (no units), 
k is the absorption coefficient (cm2

/gr), 
ρ is the density of the absorbing region (gr/cm3), 
s is the geometrical depth (cm) 

In the model we set    Ω, so  

τ    Ωρ  

 

 

 

 

where L is the distribution function of the absorption coefficient k and has no 

units, Ω = 1 and has the units of k           ). 

We consider that for the moment of the observation and for a specific ion, k 

is constant, so k (and thus L and Ω) may come out of the integral. So: 

τ    Ωρ  

 

 

 

 
 



We set 

ξ   Ωρ  

 

 

 

and τ becomes 

τ   ξ 

Absorption lines 

For every one of ξ along the spectral line (henceforth called   ) we have that: 
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We set 
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As Ω   cm  gr  contributes only to the units,    takes the value of    .For each of 

   along the spectral line, we extract a    from each   . The program we use 

calculates the    for the centre of the line. This means that from this   we can 

measure the respective   . 

If we add the values of all    along the spectral line then we have (in gr/cm2)   

     

 

 

which is the surface density of the absorbing matter, which creates the spectral 

line. 

If we divide   with the atomic weight of the ion which creates the spectral 

line, we extract the number density of the absorbers, meaning the number of the 

absorbers per square centimetre (cm-2) 

  
 

  
 

It is well known, that each absorber absorbs the specific amount of the energy 

needed for the transition which creates the specific line. So: 

The factor      gr of the ions which create the observed absorption line 

correspond to a value of energy E, which is calculated by our model.  

The factor      gr of the ions corresponds to the energy    that each absorber 

needs for the transition and is known for each ion. 



Thus,  

    

    
 

 

  
     

 

  
 

This means that the expression        (in cm-2) is arithmetically equal with 

the       . 

In other words  

  
 

  
          

 

  
,                  

This is exactly the column density. 
 
Emission lines 

In the case of emission lines we have to take into account not only   , but also the 

source function S, as both of these parameters contribute to the height of the 

emission lines. So in this case we have: 
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where: j is the emission coefficient  
   

         Å
 , 

k is the absorption coefficient (cm2/gr) 

ρe is the density of the emitting region (gr/cm3) 

s is the geometrical depth (cm). 

We set  

     

where L is the distribution function of the absorption coefficient k and has no 
units, 

Ω = 1 and has the units of k  Ω   
   

         Å
  

and  

    Ω  

where    is the distribution function of the emission coefficient j and has no 
units, 

Ω    and has the units of j  Ω   
   

         Å
   



As we did before, in the case of the absorption lines, we may consider that Ω may 
come out of the integral. 

So:  
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As in the model we use the same distribution for the absorption and for the 
emission, (    ). 

So: 

 ξ  Ω  ρ   

 

 

 
 ξ 
Ω 

  ρ   

 

 

 

We set 
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As  
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contributes only to the units,    takes the value of    . 

For each    along the spectral line, we extract a     from each    . The program 

we use calculates the    for the centre of the line and the S. This means that from 

this ξe and S we can measure the respective   . 

If we add the values of all    along the spectral line then we have (in gr/cm2) 

     

 

 

which is the surface density of the absorbing matter, which creates the spectral 

line.  

If we divide   with the atomic weight of the ion which creates the spectral 

line, we extract the number density of the emitters, meaning the number of the 

emitters per square centimetre (cm-2) 

  
 

  
 



It is well known, that each emitter emits the specific amount of the energy 

needed for the transition which creates the specific line. 

So: 

The AWn  gr of the ions which create the observed absorption line correspond 

to a value of energy E, which is calculated by our model.  

The AW1 gr of the ions corresponds to the energy Ei that each emitter needs for 

the transition and is known for each ion. 

Thus,  

    

    
 

 

  
     

 

  
 

This means that the expression   
 

  
(in cm-2) is arithmetically equal with the 

  
 

  
 

In other words  

  
 

  
          

 

  
,                  

This is exactly the column density. 

Notes: 

1. The column density is calculated by the most researchers considering that the observed 

spectral shape consists of only one absorption component. However, we consider that the 

observed spectral shape consists of a number of absorption components (DACs/SACs). This 

means that the calculated values of the column density is likely to be lower than the calculated 

values by other researchers.  

2. Comment (Howarth & Prinja, 1989. The Astrophysical Journal, 69, 527, p. 561)  
“The accuracy of the quoted column densities depends, of course, on the validity of the models 

used in the profile fits. Several of our assumptions in this regard are certainly in error (e.g., 

monotonie velocity law, steady state; Lucy 1983; Owocki, Castor, and Rybicki 1988). For 

example, Prinja, Howarth, and Henrichs, 1987 obtained two sets of very similar column densities 

for ξ Per using two rather different sets of assumptions for line formation. Nonetheless, the 

models are demonstrably deficient, so our Nn and Np data are, strictly, parameters, not 

measurements”. 

 
 
 
 
 
 



The first tests of the line function and the interpolation polynomial 
 

In order to test the validity of our model we perform two tests (Danezis et al. 

2007a). 

1. We calculated the rotational velocity of the He I absorption line at λ 

4387.928 Å for five Be stars, using two methods, the classical Fourier analysis 

and our model. In Fig. 15 we present the five He I λ 4387.928 Å fittings for the 

studied Be stars and the measured rotational velocities with both methods. The 

rotational velocities that we calculate with both methods are almost the same. 

The values of the rotational velocities, calculated with Fourier analysis, 

sometimes, may present small differences compared to the values calculated 

with our method, as in Fourier analysis the whole broadening of the spectral 

lines is assumed to represent the rotational velocity. In contrary, our model 

accepts that a part of this broadening arises from the random motion of the ions. 

We point out that with our model, apart from the rotational velocities, we can 

also calculate some other parameters as the standard Gaussian deviation ( ), the 

velocity of random motions of the ions, the radial velocities of the regions 

producing the studied spectral lines, the full width at half maximum (FWHM), 

the optical depth, the column density and the equivalent width. 

 
Figure 15. The five HeI λ 4387.928 Å fittings for the studied Be stars with RG model and the 
measured rotational velocities with Fourier analysis and RG model. The differences between the 
observed and the reproduced spectral lines are hard to see, as we have accomplished the best fit 
(Danezis et al. 2007a). 



2. A second test of our model is to calculate the random velocities of the 

density regions that produce the C IV satellite components of 20 Oe stars with 

different rotational velocities. The values of the random velocities do not depend 

on the inclination of the rotational axis. As the ionization potential of the regions 

that create the satellite components for all the studied stars is the same, we 

expect similar average values of the random velocities for each component for all 

the studied stars. 

We apply the model on the C IV line profiles of 20 Oe stellar spectra taken with 

the IUE – satellite (IUE Database http://archive.stsci.edu/iue). 

We examine the complex structure of the C IV resonance lines (λλ 1548.155 Ǻ, 

1550.774 Ǻ). Our sample includes the subtypes O4 (one star), O6 (four stars), O7 

(five stars), O8 (three stars) and O9 (seven stars). The values of the 

photospheric rotational velocities are taken from the catalogue of Wilson (1963). 

In the study of the C IV spectral lines we detect two components in 9 stars, 

three in 7 stars, four in 3 stars and five in one star. 

In Fig. 16 we present the C IV resonance lines best fit for the star HD 209975. 

 

 
Figure 16. The C IV resonance lines (λλ 1548.155, 1550.774 Å) best fit with GR model for the star 
HD 209975. The analysis of the observed profile to its SACs is presented below the fit (Danezis et 
al. 2007a). 

 

In Fig. 17 we present the random velocities (Vrand) of each SAC as a function 

of the photospheric rotational velocity (Vphot) for all the studied stars. 

 

http://archive.stsci.edu/iue


 
Figure 17. Random velocities (Vrand) of the four SACs as a function of the photospheric rotational 
velocity (Vphot) for all the studied Oe stars (Danezis et al. 2007a). 

 

In Fig. 18 we give the relation between the random velocities and the 

photospheric rotational velocities of the studied stars. 

 

 

Figure 18. Relation between the random velocities and the photospheric rotational velocities of 
the studied stars (Danezis et al. 2006). 

 

As we can see the results that arise from the proposed model and are presented 

in figures 15-18 are in accordance with the classical theory. As it is known, the 

values of the random velocities do not depend on the value of the inclination of 

the rotational axis. As the ionization potential of the regions where the SACs are 

created is the same for all the studied stars, we expect similar average values of 

the random velocities for each component for all the studied stars, as the 

velocities calculated with the proposed model. This concurrence is a successful 



test for the validity of the proposed model. It is known that the differences 

between the average values of the random velocities of the SACs arise from the 

small divergences of the temperature that we can find in each one of the regions 

that produce the SACs. 
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